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ABSTRACT
Metals from Population III (Pop III) supernovae led to the formation of less massive Pop II stars in
the early universe, altering the course of evolution of primeval galaxies and cosmological reionization.
There are a variety of scenarios in which heavy elements from the first supernovae were taken up
into second-generation stars, but cosmological simulations only model them on the largest scales. We
present small-scale, high-resolution simulations of the chemical enrichment of a primordial halo by
a nearby supernova after partial evaporation by the progenitor star. We find that ejecta from the
explosion crash into and mix violently with ablative flows driven off the halo by the star, creating
dense, enriched clumps capable of collapsing into Pop II stars. Metals may mix less efficiently with
the partially exposed core of the halo, so it might form either Pop III or Pop II stars. Both Pop II
and III stars may thus form after the collision if the ejecta do not strip all the gas from the halo.
The partial evaporation of the halo prior to the explosion is crucial to its later enrichment by the
supernova.
Subject headings: cosmology: theory – early universe – galaxies: high redshift – intergalactic medium
– stars: Population III – supernovae: general
1. INTRODUCTION
How metals from the first supernovae (SNe) are taken
up into new stars governs the transition from Pop III to
Pop II star formation in the primordial universe (Bromm
et al. 2001; Schneider et al. 2002; Mackey et al. 2003;
Smith & Sigurdsson 2007; Clark et al. 2008; Smith et al.
2009; Jappsen et al. 2009; Dopcke et al. 2011; Chiaki
et al. 2013; Ritter et al. 2012; Safranek-Shrader et al.
2014; Chen et al. 2015; Ritter et al. 2016). This transi-
tion in turn regulates the luminosities, spectra and star
formation rates of primeval galaxies (Greif et al. 2008;
Johnson et al. 2009; Greif et al. 2010; Jeon et al. 2012;
Pawlik et al. 2011; Wise et al. 2012; Pawlik et al. 2013;
O’Shea et al. 2015), the demographics and rates of super-
massive black hole formation (Tanaka & Haiman 2009;
Alvarez et al. 2009; Park & Ricotti 2011; Whalen &
Fryer 2012; Park & Ricotti 2012; Volonteri 2012; Agar-
wal et al. 2012; Park & Ricotti 2013; Choi et al. 2013;
Latif et al. 2013a,b; Schleicher et al. 2013; Johnson et al.
2014; Smidt et al. 2017; Woods et al. 2017; Haemmerle´
et al. 2017), and the onset of cosmological reionization
(Whalen et al. 2004; Kitayama et al. 2004; Alvarez et al.
2006; Abel et al. 2007). This transition also influences
the rate at which primordial SNe may be detected in
future surveys (Whalen et al. 2008b; Kasen et al. 2011;
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Mesler et al. 2012; Whalen et al. 2013f,a,b; de Souza et al.
2013; Whalen et al. 2013c,d,e; Mesler et al. 2014; Whalen
et al. 2014a,b; Smidt et al. 2014; de Souza et al. 2014;
Chen et al. 2014a,b,c; Smidt et al. 2015; Magg et al.
2016) and the number of low-mass Pop III stars and
second-generation stars expected in Galactic archaeolog-
ical searches (Beers & Christlieb 2005; Frebel et al. 2005;
Joggerst & Whalen 2011; Hartwig et al. 2015).
Cosmological simulations usually take this transition
to occur when metals from Pop III SNe touch a halo be-
cause they cannot resolve the actual interaction of the
metals with the gas in the halo. They may therefore
overestimate the true mixing efficiency and predict a pre-
mature transition from Pop III to Pop II star formation.
Past, higher resolution simulations seem to indicate that
metals from SNe in reality do not mix with nearby ha-
los very efficiently. Cen & Riquelme (2008) modeled SN
shocks colliding with 106 - 107 M halos at 10 - 100 km
s−1 at z ∼ 10. They found that mild shear flows driven
by Kelvin-Helmholtz (KH) instabilities limited mixing to
the outer regions of the halo, and that at most a third of
the baryons at high densities in the halo were enriched
above 3% of the metallicity of the ambient intergalac-
tic medium (IGM) by z ∼ 6. They concluded that the
Pop III / Pop II transition may therefore have been pro-
tracted, with Pop III stars forming at lower redshifts than
previously thought. More recent studies indicate that
metals can reach greater depths in the gas if it is tur-
bulent, although some rely on ad hoc subgrid models for
turbulent mixing (Gray & Scannapieco 2011; Richardson
et al. 2013).
But these models do not include the photoevapora-
tion of the halo by the star prior to its explosion. Stud-
ies have shown that ionizing UV radiation from nearby
Pop III stars can ablate the outer layers of the halo
in supersonic flows and expose its interior to the IGM
(Shapiro et al. 2004; Iliev et al. 2005; O’Shea et al. 2005;
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2Susa & Umemura 2006; Susa 2007; Whalen et al. 2008a;
Hasegawa et al. 2009; Susa et al. 2009; Whalen et al.
2010). The dense core casts a cylindrical shadow that
is eventually crushed down into the axis of the halo by
thermal pressure forces in the surrounding ionized gas.
If metals from a SN collide with the ablative flow they
can mix violently with it and cool it, perhaps causing it
to fragment and collapse into new stars. The metals can
also envelop the partially exposed core, enriching and
cooling it to greater depths than those found by Cen &
Riquelme (2008). The collision of SN ejecta with neigh-
boring halos may therefore trigger new star formation,
not just enrich the halo.
How metals mix with halos in such scenarios is also
crucial to predicting elemental abundances in the second-
generation stars that do form, some of which may still
exist today as ancient, dim metal poor stars in the Galac-
tic halo (e.g., Cayrel et al. 2004; Lai et al. 2008; Frebel
2010; Norris et al. 2013; Caffau et al. 2013; Bonifacio
et al. 2015; Aoki et al. 2015). If the abundances found
in extremely metal-poor stars can be reconciled to the
nuclear yields of Pop III SNe they can place constraints
on the masses of the first stars (Iwamoto et al. 2005;
Cooke et al. 2011; Caffau et al. 2012; Cooke & Madau
2014; Cooke et al. 2015). So far, the fossil abundance
record suggests that early chemical enrichment is due
more to core-collapse (CC) than massive pair-instability
(PI) SNe (Joggerst et al. 2010), but see Karlsson et al.
(2008); Aoki et al. (2014). Past studies have focused just
on the yields, not the dilution factors with which metals
are found in stars. Numerical simulations that resolve
both mixing and cooling in pristine gas are needed to
reproduce these concentrations in specific stars, such as
J031300 (Keller et al. 2014; Chen et al. 2017).
Here we examine the collision of ejecta from Pop III
SNe with nearby halos as a potential channel of prompt
second-generation star formation in the early universe
with the ZEUS-MP and CASTRO codes. Our simulations
include the evaporation of the halo by the star prior to
the explosion and resolve mixing on spatial scales that
are not currently practical in cosmological simulations.
In Section 2 we describe our halo evaporation and SN
blast models, which were done with ZEUS-MP. Our mixing
calculations with CASTRO are discussed in Section 3. In
Section 4 we examine how metals from CC and PI SNe
mix with halos with a variety of masses and evaporation
states. We discuss the prospects for second-generation
star formation after the collision and conclude in Section
5.
2. NUMERICAL METHOD
Our simulations are carried out in two stages. First,
the halo is photoionized by the external star with the
ZEUS-MP cosmological radiation transport code. The col-
lision of ejecta from the explosion of this star with the
ionized halo is then modeled with CASTRO. In CASTRO, the
SN ejecta is treated as a time-dependent, plane-wave in-
flow at the lower boundary of the simulation box whose
that is extracted from 1D expanding grid models of the
SN in ZEUS-MP. We model mixing in two stages because
ZEUS-MP has the radiation transport required to evapo-
rate the halo and CASTRO has the adaptive mesh refine-
ment required to resolve the collision of the ejecta with
the halo.
TABLE 1
Target Halos and SNe
Model Halo mass R200 SN Type
(M) (pc)
h1sn25 6.9× 105 249.6 CC
h1sn200 6.9× 105 249.6 PI
h2sn25 2.1× 106 320.1 CC
h2sn200 2.1× 106 320.1 PI
h3sn25 1.2× 107 483.1 CC
h3sn200 1.2× 107 483.1 PI
Note. — R200 = R(ρ = 200 Ωb,0ρcrit).
Fig. 1.— Spherically averaged density profiles for the 6.9 × 105
M (halo 1), 2.1 × 106 M (halo 2), and 1.2 × 107 M (halo 3)
models.
2.1. ZEUS-MP
ZEUS-MP is a massively-parallel radiation hydrody-
namics code that evolves astrophysical fluid flows self-
consistently with nonequilibrium nine-species primor-
dial gas chemistry and multifrequency photon-conserving
raytracing UV transport to evolve cosmological ioniza-
tion fronts (I-fronts; Whalen & Norman 2006, 2008a,b).
The halo photoevaporation models in this study are iden-
tical in physics to those in Whalen et al. (2008a) and
Whalen et al. (2010); here, we review the properties of
the stars, the halos and the simulation box in ZEUS-MP.
2.1.1. Halo Models
We consider 25 and 200 M stars at a distance of 250
pc to 6.9 × 105, 2.1 × 106, and 1.2 × 107 M halos.
These halos bracket the range in mass in which Pop III
stars form via H2 cooling and are extracted from cosmo-
logical simulations performed with the Enzo code (Bryan
et al. 2014). We show spherically-averaged density pro-
files of all three halos prior to illumination in Figure 1.
As seen from the central densities, they are at intermedi-
ate stages of collapse but have not yet formed stars. The
densities, gas energies, velocities and species mass frac-
tions of these halos are spherically averaged and mapped
onto a two-dimensional (2D) cylindrical coordinate grid
in ZEUS-MP. The ionizing UV fluxes and lifetimes of the
3Fig. 2.— H2 mass fractions for the partially evaporated 6.9 × 105 M halo that is 250 pc from the 25 M star at the end of the life of
the star. The horizontal and vertical axes are z and r, respectively.
two stars are taken from Schaerer (2002). Each halo is
centered on the z-axis, with only its upper hemisphere
residing on the grid. The grid has 1000 zones in z and
500 zones in r for a spatial resolution of 0.25 pc. The
boundaries are at -125 pc and 125 pc in z and 0.01 pc
and 125 pc in r. Reflecting boundary conditions (BCs)
are applied to the inner r boundary and outflow BCs are
set on the other three boundaries. All simulations were
performed at redshift z = 20.
2.1.2. Photoevaporated Halos
We show H2 mass fractions for the partially evapo-
rated halo when the star dies in Figure 2 (the process
of halo photoevaporation is discussed in greater detail in
Whalen et al. 2008a, 2010). The D-type I-front has a
cometary appearance because it preferentially advances
in the more stratified densities above and below the mid-
plane of the halo. A prominent arc of H2 is visible in the
outer layers of the I-front. H2 forms there because the
hard UV spectrum of the star broadens the I-front, cre-
ating temperatures of a few thousand K and ionization
fractions of ∼ 0.1 in its outer layers that catalyze the
rapid formation of H2 via the H
− channel (Ricotti et al.
2001). The H2 in the outer layers of the I-front partially
shields the core from Lyman-Werner (LW) photons from
the star, as shown by the large H2 mass fractions there.
The core also shields gas behind it from LW flux.
The serrated structures midway up the arc of the front
are remnants of dynamical instabilities that are driven
by H2 cooling in the outer layers of the front. They
are more prominent further out along the arc because of
the larger angles of incidence between the photons and
the front there (Williams 2002). These structures are of
interest because they enhance mixing between outflows
from the halo and the SN ejecta. Supersonic flows are
also driven back towards the star as the outer layers of
the halo are blown off by the radiation front. These flows
collide with and mix with ejecta from the SN from the
left, as discussed later.
After the star dies the halo and H II region are evolved
in ZEUS-MP for the additional time required for metals
from the SN to reach the left boundary of the grid in
CASTRO. The pressure of the ionized gas continues to
crush the shadow cast by the halo downward toward
its axis after the explosion and the supersonic backflows
keep expanding towards the ejecta. The ionized gas also
begins to recombine out of equilibrium, cooling more
quickly than it recombines. Following these three pro-
cesses for the time it takes debris from the SN to reach
the boundary of the CASTRO box ensures that the met-
als encounter a more realistic circumhalo structure at the
time of collision. The time required for the ejecta to cross
this distance is taken from the 1D ZEUS-MP SN models
described below. The halos are illuminated by the 25
M star for its main-sequence lifetime of 6.46 Myr, af-
ter which radiation is switched off and the H II region
is allowed to cool and recombine for an additional 2.16
Myr. For the 200 M star these two times are 2.2 Myr
and 0.872 Myr, respectively.
2.2. CASTRO
The halo and surrounding H II region are mapped onto
a 2D cartesian grid in CASTRO with a bilinear interpo-
lation scheme. Since only the upper half of the halo
is modeled in ZEUS-MP, its lower half is assumed to be
the mirror image of its upper half. CASTRO is a multi-
dimensional adaptive mesh refinement (AMR) radiation
hydrodynamics code (Almgren et al. 2010; Zhang et al.
2011) with an unsplit piecewise parabolic hydro scheme
(Woodward & Colella 1984) and an ideal gas equation
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Fig. 3.— Time dependent boundary conditions representing the flow of ejecta from a Pop III SN past a fixed observer position at 125 pc,
derived from 1D expanding grid explosion models done with ZEUS-MP. Both explosions occur 250 pc from the halo. Left panel: densities.
Dashed line: the 200 M PI SN. Solid line: the 25 M CC SN. Right panel: velocities. Dashed line: the 200 M PI SN. Solid line: the
25 M CC SN.
of state with γ = 5/3. We advect three species (hy-
drogen, helium, and metals) and use a simple cooling
function from Gnedin & Hollon (2012) but neglect the
detailed primordial gas chemistry and cooling and metal
line cooling. The mass fractions of the five H species in
the ZEUS-MP models are summed to obtain the single H
species in CASTRO and the three He species are summed
to obtain the one He species. The coarse grid is 250 pc in
x and y with 10242 zones. Up to four levels of refinement
are allowed for a factor of 16 (24) higher spatial resolu-
tion. Refinements are performed on gradients in density
and velocity.
Four nested grids are centered on the halo for a maxi-
mum resolution of 0.015 pc, or 3000 AU. Inflow BCs are
set on the lower y boundary, where SN ejecta flow onto
the grid as described below, and outflow BCs are set on
the other three boundaries so metals and ionized gas can
exit the grid. The two explosions, the 25 M CC SN
and the 200 M PI SN, have energies of 1 B and 42 B,
respectively (1 B = 1051 erg). The halo and metals are
evolved for 20 Myr. We summarize our models in Table
1. These 2D simulations required 480,000 CPU hours on
the Cray XC-30 machines at the National Energy Re-
search Scientific Computing Center (NERSC) and the
Center for Computational Astrophysics (CfCA) at the
National Astronomical Observatory of Japan (NAOJ).
2.2.1. SN Inflow Model
We treat the SN ejecta as a time-dependent planar in-
flow on the lower y boundary. Gas densities, energies,
velocities and mass fractions for all three species are up-
dated on the boundary every time step during the simu-
lation. These time-dependent flows are derived from 1D
explosion models of the 25 and 200 M SNe in ZEUS-MP.
In these 1D models, the SN is evolved in its own halo
as in Whalen et al. (2008c), but only out to radii cor-
responding to the position of the lower boundary of the
box in CASTRO. These simulations are done in two steps.
First, the H II region of the star in its own halo is cre-
ated as described in Whalen et al. (2008c), Schauer et al.
(2015) and Schauer et al. (2017) with ionizing photon
rates again taken from Schaerer (2002) for consistency.
The host halos of the 25 and 200 M stars are taken to
be identical to the 6.9 × 105 and 2.1 × 106 M neighbor
halos, respectively. This choice of host halos is arbitrary,
but reasonable. Both stars ionize their own halos within
a few hundred kyr, with supersonic flows from the core
plowing most of the baryons into a dense shell with a
radius of 100 - 200 pc by the time the star dies. At this
point the densities at the center of the halo are low, ∼
0.1 - 1 cm−3 (e.g., Fig. 3 of Whalen et al. 2004), so both
stars explode in diffuse media.
We then explode the star in the center of its H II re-
gion on a 1D expanding grid in ZEUS-MP as explained in
Whalen et al. (2008c) (see also Meiksin & Whalen 2013).
The blast wave is initialized as a free expansion with den-
sity and velocity profiles from Truelove & McKee (1999),
which are parametrized by ejecta mass, Mej, explosion
energy, Eej, and peak ejecta velocity, vmax. We take
Mej = 20 M and Eej = 1 B for the 25 M SN (assum-
ing the formation of a 5 M black hole during the core
collapse) and Mej = 200 M and Eej = 42 B for the 200
M star (no compact remnant; Heger & Woosley 2002).
In both cases vmax = 3.0 × 109 cm s−1. The profiles were
initialized on a 1D spherical grid with 250 uniform zones
and an outer boundary at 4.626 × 1015 cm. These mod-
els are otherwise identical in physics to those in Whalen
et al. (2008c) and Meiksin & Whalen (2013), in which
the importance of inverse Compton cooling to the evolu-
tion of Pop III SN remnants in the primordial universe is
reviewed in detail (see also Kitayama & Yoshida 2005).
The SN remains essentially a free expansion until it
has swept up about its own mass in ambient gas at radii
of 10 - 20 pc. At this point a reverse shock forms and is
driven back toward the center of the halo in the frame
of the shock, reverberating back and forth through the
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Fig. 4.— Simulation flowchart. Our numerical setup can be
divided into three steps shown in Panels (a-c). We first use 2D
ZEUS-MP to simulate UV feedback to the target halo until the star
dies as a SN, then simulate the propagation of SN ejecta in 1D
ZEUS-MP before they reach the boundary of CASTRO box. Finally, we
use the initial and boundary conditions from two previous steps to
simulate the cosmological mixing in multi-dimension with CASTRO.
ejecta over time in some runs. When the ejecta crash
into the dense shell of the relic H II region the collision
can drive another reverse shock into the interior of the
halo. To an observer at a fixed radius (such as at the
lower boundary of the CASTRO box), passing flows would
therefore be highly time dependent, with strong forward
flows at some times and backflow at others.
We show velocities and densities at 125 pc, the posi-
tion of the lower boundary in CASTRO, for the 25 M CC
SN and 200 M PI SN in Figure 3. They are extracted
from the 1D ZEUS-MP run over seven or eight decades in
time at uniform intervals in log time. The passage of
the shock and the rarefied regions in its wake are visible
as the peaks and valleys in density. The peak happens
earlier in the PI SN flow because it is more energetic
and reaches the outer regions of the halo sooner. Both
forward and reverse shocks are visible in the velocity pro-
files, with the latter causing negative velocities in both
flows. To compute the SN ejecta entering the CASTRO
grid, the densities and velocities shown in Figure 3 (and
energy densities and mass fractions) are stored in a table
as a function of time. At a given time step in CASTRO the
inflow boundary conditions are computed with a linear
interpolation of the logarithm of the table entries vs. log
time.
Our simulations using two different codes with differ-
ent dimensions and physics are conceptually complicated.
Therefore, we use a cartoon to summarize the entire nu-
merical setup in Figure 4 to make it clearer.
3. HALO ENRICHMENT
3.1. Halo Structure at Collision
We show density and temperature images of the par-
tially evaporated halos and their ionized envelopes at the
time the SN enters the lower boundary of the grid in
CASTRO in Figures 5 and 6. After the star dies the ionized
gas crushes the shadow cast by the halo down towards
its axis, even as it cools and recombines. The solid angle
cast by the halo varies with its mass, proximity to the
star, and the luminosity of the star. More massive halos
and less luminous stars cast the broadest shadows while
less massive halos and more luminous stars create narrow
cocoons with an almost cometary appearance. The dense
ridges of gas created by I-front instabilities in Figure 2
are visible in the h1sn25 profile but do not appear in the
other halos. In general, more massive stars with higher
fluxes create less H2 in the outer layers of the I-front so
there is less cooling and instability growth. I-fronts from
any given star are also less likely to form instabilities in
more massive halos because it is more difficult for them
to develop in higher densities.
By this time, regions of the halo and its now partially
ionized envelope have cooled to ∼ 150 K because of rapid
H2 formation after the death of the star. In the absence
of UV flux the ionized gas begins to recombine out of
equilibrium, cooling more quickly than it becomes neu-
tral. Denser regions of the gas fall to temperatures and
ionized fractions of a few thousand K and ∼ 0.1 first,
triggering rapid H2 formation via the H
− channel. This
process is what cools gas in the ionized envelope of the
halo. Temperatures in the core and its shadow fall over
time even though they were never ionized because they
are no longer exposed to LW flux from the star, so H2
rapidly forms in the high densities there and cools the
gas. The cold gas in the thin layers tracing the remnant
of the I-front is due to H2 that formed there while the
star was alive. It is coldest because the H2 is located
in the dense gas plowed up by the front. Low gas tem-
peratures in Figure 6 track regions of higher density in
Figure 5 because H2 formation is a two-body process.
We include H2 cooling in the relic H II region because
it can enhance mixing during collision with SN ejecta be-
cause it condenses the gas to higher densities. Note that
had HD chemistry been included in our models it would
have cooled the gas even further, down to the CMB tem-
perature (∼ 57 K at z = 20), because the non-symmetric
HD molecule can radiate via dipole transitions while H2
can only emit via quadrupole transitions (e.g., Glover
& Abel 2008). Lower temperatures might have resulted
in even higher densities and more efficient mixing. HD
cooling is also known to lower the mass scales of fragmen-
tation in relic H II regions (see Yoshida et al. 2007a,b),
which leads to the formation of Pop III stars that are
somewhat lower in mass than those forming from H2
cooling alone.
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Fig. 5.— Density images of the photoevaporated halos after the death of the star, when ejecta from the explosion have reached the lower
boundary of the grid in CASTRO. The degree to which they are ionized depends on their mass and stellar luminosity. The envelope of the
halo in h1sn200 has been mostly stripped away while the envelope of h3sn25 is only slightly affected.
3.2. Collision of the SN with the Halo
We show the collision of the SN with the halo in the
h1sn25 and h1sn200 models in the upper panels of Fig-
ure 7. Ejecta enter the lower boundary in CASTRO at ∼
20 km s−1 for the CC SN and ∼ 30 km s−1 for the PI
SN. As the shock approaches the halo it decelerates as
it collides with the photoevaporative backflow and then
climbs up the density gradient of the halo, advancing to
within ∼ 100 pc of its core by 3 - 5 Myr. In the h1sn25
run the shock stalls 50 pc from the center of the halo.
The h1sn200 shock is more energetic and gets to within
5 pc of the center. In both runs the stripping of the
outer layers of the halo by ionizing UV photons from the
star allows metals to reach greater depths in the halo
than would otherwise have been possible. The remnants
of the I-front instabilities that are visible in the density
image of the h1sn25 model at 5 Myr develop into an
extended turbulent layer as the SN shock overruns the
system. This structure dominates the dynamics of the
entire envelope at 10 Myr and results in very efficient
mixing.
If the shock is strong enough and the densities it en-
counters are not too high, a reverse shock s and detaches
from the forward shock as it plows up more gas. The
contact discontinuity separating the two shocks crum-
ples into Rayleigh-Taylor (RT) instabilities that in turn
drive Kelvin-Helmholz (KH) shear instabilities, and the
metals begin to mix with pristine gas in the halo. If the
shock is weaker or less of the halo is evaporated by the
star, the RT instabilities, if they form, are milder and less
mixing occurs. Both cases are shown in the lower panels
of Figure 7. The stronger PI SN shock drives more mix-
ing than the CC SN in a given halo. Mixing is weaker
in more massive halos for a given SN because they lose
less gas to photoevaporation prior to the explosion and
present more mass to the shock.
The most mixing occurs in h1sn200, in which metals
from the SN reach the core of the halo. In this model
only metal-enriched Pop II stars would form, in the lay-
ers facing the explosion and in its center. Metals do not
reach the core in the h2sn200 and h3sn200 runs so both
Pop III and Pop II stars may not form in these models.
In contrast, Pop II star formation, if it occurs, would
only happen in a narrow arc 50 - 100 pc in front of the
center of the halo in the sn25 runs. The top panel of
Fig. 7 illustrates that this is the only region that has
sufficient metal enrichment. One caveat is the relative
timescales of Pop II and Pop III star formation in the
h2sn200 and h3sn200 models. If Pop II stars form more
quickly in regions with metals than Pop III stars form
in the core, LW and H− photodetaching photons from
the Pop II stars could destroy H2 in the core, delaying
cooling and collapse. Ionizing photons could then later
mechanically disrupt the core and prevent its collapse
altogether. Improved simulations with metal and dust
cooling that are able to resolve fragmentation and col-
7h1sn25
h3sn200h2sn200h1sn200
h2sn25 h3sn25
T [K]
Fig. 6.— Temperature images of the photoevaporated halos after the death of the star, when ejecta from the explosion have reached the
lower boundary of the grid in CASTRO. The partially ionized and cooled gas surrounding the halos has a temperature a few thousand K, but
their centers are only a few hundred K due because they are shielded from stellar radiation so H2 cooling can occur.
lapse will determine the relative timescales of Pop II and
III star formation in future models.
On the other hand, if a Pop III star forms in the core
of the halo before its outer layers cool, fragment and col-
lapse to Pop II stars they may never get the chance to
form because UV from the Pop III star breaks out of
the halo and completely ionizes it on timescales of a few
hundred kyr. This order of events may apply particu-
larly to some of the sn25 models in which metals do not
come within 100 pc of the core because of weaker UV
fluxes and explosion energies. Our models therefore sug-
gest that chemically enriched star formation in halos in
close proximity to SNe should not be taken as a given,
in contrast to what is usually assumed in semianalytical
models and large-scale numerical simulations, since Pop
III stars may form in them rather than Pop II stars in
some cases.
3.3. Distribution of Metals in the Halo
We show mixing due to RT and KH instabilities on
small scales in the h1sn200 model in Figure 8. Here, a
fraction of the range of spatial scales on which mixing
occurs is shown, with intricate structures with large sur-
face areas that efficiently fold metals in with H and He
gas on scales of 250, 80, 20 and 4 pc. To quantify mixing,
radially-averaged metallicities are plotted as a function
of distance from the center of the halo for all six runs
in Figure 9. Metals from the three PI SNe reach greater
depths in the core and enrich it to higher metallicites
than the three CC SNe because of their higher energies
and much larger metal yields, ∼ 50 M vs. a few M.
The regions that are enriched by CC SNe on average only
have metallicities of 10−4 - 10−5 Z and will only form
Pop II stars if dust is present (e.g., Schneider et al. 2006;
Klessen et al. 2012). It is therefore again not a given that
Pop II stars will form, although some gas in the halo will
be at metallicities above the spherical average and may
form such stars. The disparity in mixing between PI and
CC SNe is striking, with metallicities tapering off slowly
at the center in the sn200 models but falling sharply at
70 - 100 pc in the sn25 runs. Even in the core of the
halo in the h1sn200 model the metallicity is 10−3 - 10−4
Z, enough to trigger the formation of a Pop II star.
We define the mixing efficiency, (z) = Mmet(z)/Mhalo,
Mmet(z) is the mass of metal-enriched gas at a minimum
metallicity z, Mhalo is the mass of photoevaporated halo.
Depending on the mass of halo and its stricture,  of a
25M CC SN is about 2 − 5 × 10−3 at z = 10−6Z.
For the same metallicity,  of a 200M PI SN can be
3 − 6 × 10−2 which is about ten times bigger than CC
SNe. We list (z) values for each model in Table 2.
3.4. Mixing in 3D
The development of turbulent cascades due to RT and
KH instabilities is different in 3D and 2D, and it might
be expected that mixing is more efficient in 3D because
of the greater number of degrees of freedom of the flow.
For example, the topology of I-front instabilities is quite
8h1sn25
h1sn200
t = 3 Myr t = 10 Myrt = 5 Myr
ρ [g/cc]
s
h1sn25
Fig. 7.— Upper panels: collision of the SN with the halo at 3, 5 and 10 Myr. In the 25 M runs the shock stalls 50 pc from the center of
the halo but reaches and disrupts the center in the 200 M models. Bottom panels: distribution of metals in the halo at 10 Myr. Metals
are halted 70 - 100 pc from the center of the halo in the 25 M runs because of lower UV fluxes and explosion energies, so Pop II stars
are less likely to form in the core but may occur in an arc around it. The 200 M SN has a more violent impact with the halo and more
prominent fluid instabilities appear. Mixing enables metals to reach the core of the halo in the h1sn200 run.
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Fig. 8.— Zoom in of mixing regions of h1sn200 at late times.
Panels a, b, c and d are 250, 80, 20 and 4 pc across, respectively.
Mixing begins with Rayleigh-Taylor instabilities that develop into
Kelvin-Helmholz shear instabilities that later cause the flow to be-
come highly turbulent.
0 20 40 60 80 100 120
r [pc]
10-6
10-5
10-4
10-3
10-2
Z/
Z 
h1sn25
h2sn25
h3sn25
h1sn200
h2sn200
h3sn200
☉
h1sn200 (3D)
Fig. 9.— Spherically-averaged metallicity profiles for the six 2D
runs and the 3D h2sn200 run at 10 Myr. Metals from the 25 M
CC SN come no closer than 70 - 100 pc to the core in all three
halos but come much closer to the core in the 200 M runs, even
reaching it in the h1sn200 run. In this run a Pop II star could form
at the center of the halo. In the other five runs both Pop III and
Pop II stars can form. More metals reach the center of the halo in
the h1sn200 model in 2D than in 3D.
TABLE 2
Metallicity and its enriched gas fraction (z)
Model 10−3Z 10−4Z 10−5Z 10−6Z
h1sn25 0.00 7.07× 10−6 5.01× 10−3 5.06× 10−3
h1sn200 1.80× 10−7 1.81× 10−2 2.69× 10−2 3.37× 10−2
h2sn25 0.00 0.00 1.50× 10−4 1.53× 10−4
h2sn200 3.32× 10−8 2.00× 10−3 4.29× 10−3 6.02× 10−3
h3sn25 0.00 6.85× 10−6 2.29× 10−3 2.32× 10−3
h3sn200 2.80× 10−6 2.53× 10−2 3.69× 10−2 4.61× 10−2
Note. — (z) = Mmet(z)/Mhalo, Mmet(z) is the mass of metal-
enriched gas at a minimum metallicity z, Mhalo is the mass of pho-
toevaporated halo.
different in 3D and they tend to devolve into turbulent
flows much more efficiently (Whalen & Norman 2008a,b).
Here, we run the h1sn200 model in 3D to determine if
mixing is enhanced or suppressed. To set up this model
we rotate the 2D profile of the halo and its ionized enve-
lope around its axis of symmetry and align and center it
along the z-axis of a 3D cartesian box in CASTRO. Had I-
front instabilities developed in the H II region around the
halo it would have been necessary to rerun the ZEUS-MP
model in 3D as well because the structure of the instabil-
ities would have been different, but none were present in
this model. The simulation box is 5123, with lower and
upper boundaries at 0 and 250 pc along all three axes.
Metals flow in at the z = 0 boundary and outflow BCs
are set on the other 5 boundaries. Two levels of AMR
refinement (22) in each dimension are used to achieve an
effective resolution of 20483, or 0.122 pc. The run re-
quired 1.5 million CPU hours on 6000 cores on the Cray
XC30 machine Aterui at CfCA at NAOJ.
We show densities and metallicities for the halo at 10
Myr in Figure 10. Both images reveal significant tur-
bulent mixing, and metals again reach the core of the
halo. Azimuthal averages of the metallicity in the 3D
run are plotted with those from the 2D h1sn200 run in
Figure 9. The bulk kinetic energy of the flow is more
efficiently dissipated by the additional degree of freedom
in the turbulence in 3D, which enhances mixing at inter-
mediate depths in the halo but results in fewer metals
reaching the core, which is enriched to ∼ 10−5 Z in-
stead of a few 10−4 Z. However, if dust forms in the
metals it will still trigger the formation of Pop II stars
there.
3.5. Comparison to Previous Models
In contrast to Cen & Riquelme (2008), we find that
metals from SNe can mix well with primordial halos when
the evaporation of the halo by the progenitor star is taken
into account because ionizing UV from the star peel away
the outer layers of the halo, partially exposing its core,
and the outer layers of the halo are blown back toward
the star and collide with debris from the explosion and
mix efficiently with it. Ejecta from the SN could only
mix with the outer regions of the halo in Cen & Riquelme
(2008) because they are not stripped away by the radi-
ation, so only a few percent of its mass was chemically
enriched (by KH shear instabilities in its outermost lay-
ers). Preprocessing the halo with UV radiation from the
star is therefore crucial to how metals from the SN later
mix with the halo.
Smith et al. (2015) modeled the formation of a second-
generation Pop II star in the debris of a Pop III SN in cos-
mological environments in the Enzo AMR code (Bryan
et al. 2014). In their model, a 40 M Pop III star formed
200 pc from a 3 × 105 M halo, partly evaporated it and
then exploded, with an energy of 10 B and a metal yield
of 11.2 M(Nomoto et al. 2006). The SN crashes into
the halo at 6 Myr and enriches its core to Z ∼ 2 × 10−5
Z, forming a Pop II star via dust cooling. These results
are consistent with our models because their initial UV
fluxes and explosion energies were intermediate to those
of our 25 and 200 M stars. Unlike our sn25 runs, met-
als from the SN in their simulation reached the core of
the neighboring halo because it was exposed to higher
10
ρ [g/cc]
z/z☉
Fig. 10.— Densities (left) and metallicities (right) in the halo in the h1sn200 run in 3D. Colors show iso-surfaces of density after mixing.
Turbulent flows are visible everywhere in zones of chemical enrichment. The black circle marks the core of the halo, r ∼ 5 pc. Metals also
reach the core in this 3D run.
UV fluxes over the life of the star (due to its larger mass
and greater proximity to the halo) and because the ex-
plosion was more energetic and synthesized more metals.
But the metallicity to which the core was enriched was
smaller than in our sn200 models because of the even
greater UV flux, blast energy and metal yield of the 200
M star.
Ritter et al. (2016) examined the low-energy explosion
of a 60 M Pop III star inside a ∼ 106 M halo that was
not fully ionized by the star. A dense neutral clump in
the halo persisted and was later overrun by metals from
the SN. They found that the outer regions of the clump
were only marginally enriched by metals, consistent with
the mixing found in our 25 M SN models. From the
resolution of the simulation it was not clear if this clump
would collapse to a Pop III star or a Pop II star, but this
and the (Smith et al. 2015) model exhibit the different
degrees of mixing bracketed by our simulations.
4. DISCUSSION AND CONCLUSION
There is a region in the parameter space defined by
the mass of the neighbor star, proximity to the halo, and
the mass of the halo outside of which the SN cannot
result in prompt Pop II star formation. If the star is
too close, too much of the halo will be evaporated, and
whatever gas remains will be stripped from the core by
the ram pressure of the SN ejecta. The evaporative flow
back towards the star will also be too diffuse to efficiently
mix with the oncoming metals and form new stars. If
the star is too far away, too little of the halo is blown
off and its core is mostly shielded from metals from the
blast. Not enough mass flows back towards the star to
mix efficiently or fragment into new stars. The range
of parameters in which second-generation Pop II stars
may form as a direct result of the blast remains to be
surveyed.
Our models also indicate that even within this space
the contamination of a halo with metals does not by it-
self guarantee the formation of Pop II stars, in contrast
to what is usually assumed in semianalytical models or
large-scale cosmological simulations of high-redshift star
and galaxy formation. The key in each case are the rela-
tive timescales of metal cooling and fragmentation in en-
riched gas and H2 cooling in the pristine core because the
formation of one type of star may preclude the formation
of the other, depending on which happens first. More
simulations of halo-SN pairs with the cooling physics are
needed to resolve fragmentation and collapse are required
to determine the branching ratios of Pop II and Pop III
star formation (or both) in semianalytic models and sim-
ulations.
Although our halos are extracted from cosmological
simulations, they are idealized in several respects. Real
halos have complex 3D geometries and are threaded by
cosmological filaments that are not present in our simu-
lations. Collision of SN ejecta with the filaments could
result in star formation in their outer layers, with some
of these stars later being carried into the halo by the
flow. Accretion from filaments and mergers with other
structures also produce mild subsonic turbulence in the
halo that could allow radiation from the star to reach to
greater depths and promote mixing in the core (Smith
et al. 2015; see also Greif et al. 2008). Our models
exclude turbulence due to mergers or accretion but cap-
ture turbulence due to RT and KH instabilities during
the collision, and at a higher resolution than is currently
achieved in cosmological simulations. That said, because
we ignore turbulence in the halo prior to the collision our
mixing results should be taken to be lower limits (the
same is true of Cen & Riquelme 2008, even without pre-
processing of the halo with radiation). How pre-collision
turbulence enhances Pop II star formation in the halo
will be investigated in future models, which may also in-
clude a prescription for turbulent mixing on unresolved
scales (Klessen & Lin 2003; Greif et al. 2009).
As discussed earlier, molecular hydrogen cooling in the
relic H II region plays a role in mixing because it gener-
ally causes the gas to collapse to higher densities. This ef-
fect is greatest in the earliest generations of stars because
they build up a global LW background over time that
dissociates H2 and slows down cooling in these regions.
Reduced H2 mass fractions would result in puffier, more
diffuse relic H II regions that mix less efficiently with SN
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ejecta and suppress the formation of enriched stars. Mix-
ing and fragmentation in global LW backgrounds will be
studied in future models.
Another axis in the parameter space of mixing that
is beyond the scope of this study is the initial degree
of collapse of the halo at the time of photoevaporation
and collision with the ejecta. Central densities in our
halos were ∼ 105−106 cm−3, so collapse was in progress
but no stars had formed. At even higher central densi-
ties the core of the halo is even more shielded from LW
and ionizing UV and metals cannot as easily reach it.
We therefore expect the contamination of the core to be
reduced at later stages of collapse but not mixing at in-
termediate or outer layers. If the center of the halo rises
to densities of & 108 cm−3 before metals reach it the core
fully molecularizes and collapses to a Pop III star with
little or no enrichment.
Because our simulations do not include cooling due
to metals we cannot say for certain when secondary en-
riched star formation will happen, only where it might
occur due to mixing. Our models also lack cooling due
to molecules and dust, which would also promote new
star formation in mixed zones. Metals and molecules can
cool gas down to the temperature of the CMB at den-
sities of around 104 cm−3. Dust cooling occurs at much
higher densities, regimes where the characteristic mass
scale of fragmentation is much smaller due to the ρ−1/2
dependence of the Jeans mass on density (Schneider et al.
2006). Numerical models indicate that Pop III SNe can
produce up to several solar masses of molecules and dust
(Cherchneff & Dwek 2009, 2010), but the amount of dust
that survives passage through the reverse shock in the SN
ejecta remains unclear (Bianchi & Schneider 2007; Silvia
et al. 2012). How early chemical enrichment schemes
produce new stars will not be fully known until cooling
due to all three species are implemented in simulations,
which is now under development.
But cooling could also influence mixing prior to frag-
mentation by radiating away some of the bulk kinetic en-
ergy of the flow. It is clear from the difference in degree of
mixing between PI SNe and less-energetic CC SNe that
the loss this energy could dampen mixing and reduce the
depths to which metals permeate the halo. However, the
mixing in our models is consistent with that in cosmolog-
ical simulations that do include these cooling processes,
so it is unlikely that their exclusion substantially alters
our results.
A few dwarf galaxies have now been identified as candi-
dates for ’one-shot’ chemical enrichment, being contam-
inated by metals from just one Pop III SN at an early
epoch and mostly isolated from mergers and accretion
flows thereafter (Frebel & Bromm 2012). The elemen-
tal abundances and metallicity of Leo IV, for example,
are a good fit to the yield of a single 10 M Pop III
CC SN (Simon et al. 2010). But our simulations suggest
that Leo IV could not have been enriched by an external
explosion of this mass and energy. The UV flux from
the progenitor would not have evaporated much of the
halo prior to the explosion, and the energy of the blast
would not have been sufficient to drive efficient mixing
afterward (besides the fact that only metals in the solid
angle subtended by the halo could have mixed with it).
It is more likely that the elements in Leo IV came from
internal enrichment, in which the weak UV flux of the
Pop III star failed to ionize its host halo and the star
exploded in a relatively compact and high-density H II
region. This scenario would lead to violent mixing, with
few of the metals escaping the halo (Whalen et al. 2008c;
Ritter et al. 2012).
Finally, we have only considered one scenario in which
metals from a SN enrich gas and trigger new star for-
mation. Many others can be imagined, such as collision
of SN ejecta with the dense shell of a nearby relic H II
region or with another SN remnant. Even a single ex-
panding SN front can crumple due to overstabilities and
fragment, perhaps forming new stars. These and many
other channels of chemically-enriched star formation are
yet to be investigated.
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